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Resumo. We examine the influence of the density dependence of the symmetry energy on several properties of neutron stars.
In particular, we study the constraints set on the nuclear matter equation of state by the values of the tidal deformability and
neutron star radius, using a diverse set of relativistic and non-relativistic mean field models consistent with bulk properties of
finite nuclei and the observed lower bound on the maximum mass of neutron star. The tidal deformability and radius show a strong
correlation with specific linear combinations of the isoscalar and isovector nuclear matter parameters associated with the EoS. Such
correlations suggest that a precise value of the radius or the tidal deformability can put tight bounds on several EoS parameters, in
particular, on the slope of the incompressibility and the curvature of the symmetry energy. We show that the density dependence
of the symmetry energy has a direct influence on the amount of strangeness inside cold dense matter and, consequently, on the
direct Urca process and cooling of neutron stars. We explain the low luminosity of SAX 1808.4-3658 as a result of hyperonic direct
Urca processes. Finally, we discuss the strong influence of the density dependence of the symmetry energy on the extension of the
crust-core transition region of a magnetized neutron star. The increase of the crust and its of complexity, due to the magnetic field
effect, may have a role on the glitch mechanism or on the magnetic field decay.
Symmetry energy and neutron star properties
The density dependence of the symmetry is affecting strongly the properties of asymmetric nuclear matter, including
nuclear properties and neutron star properties as the neutron skin thickness of the nucleus, the neutron star radius
or the onset of the Urca process inside neutron stars, see [1] for a review. In the following, we will discuss how the
symmetry energy dependence on the density determines neutron star properties as its radius or tidal deformability, or
affects properties of hyperonic stellar matter [2, 3, 4] and of magnetized nuclear matter [5, 6] .
The symmetry energy is reasonably well constrained at saturation or sub-saturation densities, see [7, 8, 9], but
little is known about its behavior at high densities. The existence of correlations between the EoS properties and NS
properties dependent on the behavior of the EoS at large densities may help constraining the high density EoS. As an
example, the measurement of the radius of a 1.4M⊙ NS star or its tidal deformability with a small uncertainty would
certainly impose strict constraints on the high density EoS of asymmetric nuclear matter. In particular, the recent
detection of gravitational waves from a binary neutron star merger, the GW170817 event [10, 11], has boosted a large
discussion on this topic, see for instance [12, 13, 14, 15, 16, 17, 18, 19].
To describe neutron stars, the EoS state of stellar matter must be known in the whole range of densities of
relevance. Hyperons may occur in the NS because its appearance will lower the energy of the system. Since some of
the hyperonic species have a non-zero isospin, the symmetry energy will also affect the onset and abundance of these
hyperons [3], and as a consequence, other properties as the onset of the direct Urca process. A second problem we
will discuss in the following is the interplay between the symmetry energy properties and the hyperon content of the
star.
Since the measurement of two solar mass NS, PSR J1614 − 2230 [20, 21] and PSR J0348 + 0432 [22], it has
been argued that this large mass would exclude hyperons from the interior of NS because the EoS would become
too soft, the “hyperon puzzle”, [23, 20, 24]. However, it has been shown that it is possible that if a hard enough EoS
or an adequate choice of the hyperon-meson couplings is considered, the two solar mass constraint does not exclude
hyperon inside neutron stars [25, 26, 27].
A third problem we will also discuss is how the symmetry energy defines the crust-core transition region of a
magnetized neutron star. To understand the core properties of a NS it is essential to know quite well the behavior of
its crust and this justifies this study. It was shown in [5, 6, 28] that a strongly magnetized star might have a complex
region at the crust-core transition, which would extend the non-homogeneous range of the star to larger densities and,
therefore, to deeper radii inside the star. This may have direct implications on the fractional moment of inertia of the
crust and the impurity parameter of the crust [29, 30], quantities that determine the behavior of the glitch mechanism
or the decay of the magnetic field [31].
Most of the study will be carried out in the framework of relativistic mean-field models (RMF) calibrated to well
accepted nuclear properties resulting from neutron observations, theoretical calculations or laboratory experiments.
Whenever necessary, the NS properties will be calculated from unified inner crust - core EoS since it has been shown
that non-unified EoS may give rise to large uncertainties on the radius of low mass neutron stars, although essentially
not affecting the mass [32]. The hyperon-meson couplings will be constrained by hypernuclei properties [33].
Brief review of the formalism
In the next section we will work with both Skyrme forces and RMF models. in the other two sections, the whole
discussion will be carried out in the framework of RMF models. Within the RFM models, we consider two different
sets, one including non-linear mesonic terms in the Lagrangian density, the NL set, and a second one, without these
terms but introducing density dependent coupling constants, the DD set. We start from the following Lagrangian
density L = Lb + Lm + Lm−nl, where the terms Lb,Lm,Lm−nl describe, respectively, the baryons interacting with the
mesons, the free mesons, and self-interaction and non-linear mixing terms involving mesons, these last terms only
present in the NL class of models. The different terms are given by [4]
Lb =
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In the above expressions, ψ j describes baryon j, σ, σ
∗ are scalar-isoscalar meson fields, and ωµ, φµ, ~ρµ stand for the
vector isoscalar and isovector fields, and Wµν, Pµν, ~Rµν are the vector meson field tensors Vµν = ∂µVν − ∂νVµ.
The couplings gσN , gωN , gρN in DD models are functions of the baryonic density fitted to nuclear matter proper-
ties, see [34, 35]. For NL models, the coupling constants gσN , gωN , gρN , g2, g3, c3, a1, b1 and the σ, ω and ρ meson
masses are fitted to experimental, theoretical and observational data.
Besides the RMF models described by the above Lagrangian density, we will also consider Skyrme forces in the
next section, all predicting two solar mass stars. As a second constraint, we require that these models are still causal in
the center of stars with a mass equal to 2M⊙. The values of the EoS parameters of these models at saturation density
vary in a wide range of values and are given in [32, 4].
In the section on the hyperonic EoS, we will consider in the class of DD models the models DD2 [34] and
DDME2 [35]. In the class of NL models we choose FSU2 [36], FSU2H and FSU2R [37, 38], NL3 [39], NL3 σρ and
NL3 ωρ [40, 41], TM1 [42], TM1ωρ and TM1σρ [40, 43], TM1-2 and TM1-2 ωρ [3]. Finally, in the last section, the
models NL3 and NL3 ωρ will be used.
Symmetry energy and neutron star radius and tidal deformability
In the present section we discuss the existing correlations between the neutron star radii, the tidal deformability, the
Love number and several EoS parameters, or linear combinations of parameters, evaluated at saturation: the incom-
pressibility K0, the skewness Q0, the slope of the incompressibility M0, the symmetry energy J0, its slope L0, and its
curvature Ksym,0. In Ref. [32] it was shown that non-unified EoSs may introduce a large uncertainty on the determi-
nation of low-mass star radii, therefore, in the following we will consider full unified EoS for the Skyrme EoS and a
unified inner crust-core EoS for the RMF models. For these models we have taken for the outer crust the EoS proposed
in Ref. [44], and the EoS of the inner crust was calculated performing a Thomas Fermi calculation using the same
model of the core EoS, see [45, 46]. For more details on this point please see Ref. [32, 47].
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Figura 1. Left panel: The correlation coefficients between the neutron star radii and the ’y’ EoS parameters as a function of the
neutron star mass, where the ’y’ parameters denote K0, L0, and K0 + αL0 in the top panel, and M0, L0, and M0 + βL0 in the bottom
panel. Right panel: M0 as a function of R1.4 for L0 = 40, 60 and 80 MeV, as obtained from the multiple linear regression. The gray
shaded region indicates the constraint on M0 derived in Ref. [48]. Adapted from [47]
The linear correlation between any two quantities, a and b, will be calculated by the Pearson’s correlation coef-
ficient, C(a, b), given by
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σaaσbb
, with σab =
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 . (4)
In this expression the index i runs over the Nm number of models [47, 17]. The quantities ai and bi correspond, res-
pectively, to the neutron star radius for a fixed mass and an EoS parameter or a linear combination of two parameters.
In Fig. 1 we present, as a function of the star mass, results for the correlation between the radius and a) K0, L0 and
the linear combination K0 + αL0, where α is chosen for each mass so as to give the largest correlation (top panel) and
b) M0, L0 and the linear combination M0 + ηL0, where η and α are chosen in order to maximize the correlation. The
correlation between L0 and the radius is quite large only for low mass neutron stars. This same result was confirmed
in [17]. For large masses a better correlation is obtained with the incompressibility K0 at saturation or its slope M0.
An improved correlation in the whole range of masses is obtained taking the combination M0 + ηL0, or although not
so strong, the combination K0 + αL0. These results indicate that the knowledge of the EoS parameters, K0, M0 and L0
allows a good estimation of the star radius. In the right panel of Fig. 1, we demonstrate how we can obtain the star
radius from L0 and M0 with the indication of uncertainties, taking M0 = 1800 − 2400 [48] and L0 within the range
40 < L0 < 80 MeV, as suggested by [7, 49] and [9]. In this figure, the incompressibility slope M0 is plotted as a
function of the 1.4M⊙ radius, R1.4, for three values of the symmetry energy slope L0 = 40, 60 and 80 MeV, and the
gray shaded region denotes the constraint on M0 determined in Ref. [48]. We have obtained 11.09 . R1.4 . 12.86
consistent with others predictions as in Ref. [50, 51].
In [17] the Pearson correlations between the dimensionless tidal deformability Λ = 2
3
k2
(
R
M
)5
and Love number
the k2 [52] of stars with 1.2 ≤ M ≤ 1.6M⊙ have also been calculated for the same set of models. Only weak or moderate
correlations have been obtained between Λ, k2 and the EoS parameters . In Fig. 2, these correlations are shown for
M0, L0 and Ksym. However, similarly to the discussion above for the NS radius, also for the tidal deformability a
strong correlation is determined with the linear combinations M0 + βL0 and M0 + ηKsym,0 over a wide range of
NS masses. The parameters β and η are fixed so as to maximize the correlation and can be parametrized as β =
−1.90 + 265.02 exp(−M/0.49) and η = −1.4 + 29.81 exp(−M/0.89), where M is the NS mass in units of solar
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Figura 2. Pearson correlation coefficients for the correlations between the tidal deformability (left) and Love number k2 (right),
evaluated for NS with masses between 1.2 and 1.6 M⊙, and the EoS properties: M0, L0 and Ksym. Data from [17]
mass. Using the linear combination M0 + ηKsym,0 together with the upper and lower bounds on Λ1.4 set, respectively,
by the GW170817 detection [10, 13] and by the interpretation of its UV/optical/infrared counterpart, together with
the empirical ranges of L0 presented in Ref. [9], the values of M0 and Ksym,0 may be constrained to the intervals
1926 < M0 < 3768 MeV and −140 < Ksym,0 < 16 MeV [17]. .
Symmetry energy and hyperonic neutron stars
In the present section, we discuss the effect of the density dependence of the symmetry energy on the properties of
hyperonic stars, in particular, on the direct Urca process (DU) both nucleonic and hyperonic, and on the onset of
the different hyperonic species. The study will be undertaken applying the TM1 model [42] with an extra non-linear
term that couples the ω and ρ-mesons allowing the change of the density dependence of the symmetry energy. We,
therefore, generate a family of models with the same isoscalar properties but different isovector properties, e.g. the
slope of the symmetry energy at saturation varies in the range 55 < L < 110 MeV [43, 40].
The hyperon-meson couplings have been chosen so that: a) the coupling to the ρ-meson is defined by the isospin
projection times nucleon-ρ-meson coupling; b) the couplings to the vector-mesons are fixed considering the SU(6)
quark model prediction; c) the coupling Λ-σ-meson is fitted to hypernuclei data as in [33], for the Σ-meson we
consider a set of the different couplings which we will discuss, and for the Ξ-meson we take the Ξ-potential in
symmetric nuclear matter at saturation -18 MeV; d) we include the φ-meson but not the σ∗ meson except for the
Λ-hyperon.
We first discuss the nucleonic electron direct Urca (DU) process [53], the most efficient process when discussing
the cooling on NS. In order to operate, both energy and linear momentum must be conserved. The second conser-
vation law shifts the onset of this process to quite large densities due to the large neutron fraction together with a
small proton fraction. In particular, the minimum proton fraction for the process to occur is Yminp =
1
1+
(
1+x
1/3
e
)3 , with
xe = ne/
(
ne + nµ
)
, and ne and nµ the electron and muon densities. In the following, nDU and mass MDU designate,
respectively, the baryonic density at which the DU process opens and the mass of the star with a central density equal
to nDU.
We perform the study within the RMF models presented in Section 1. These models fall in three different ca-
tegories: a) models like TM1, NL3, FSU2, which have a large symmetry energy slope predict, the opening of the
process at densities below the hyperon onset, corresponding to quite low mass stars; b) models like DD2 and DDME2
completely exclude this process inside the stars; c) models, lke FSU2R, FSU2H, NL3ωρ or TM1ωρ with a symmetry
energy slope below 75 MeV, predict the onset of the process above the onset of the hyperon onset.
In Fig. 3 we plot with open circles the onset density of the nucleonic electron DU as a function of the slope L
for the family of TM1ωρ models. Since the proton fraction inside the star is defined by the density dependence of
the symmetry energy, it results that there is a strong dependence of the DU onset on L, as previously discussed in
[54, 2]. Models with a small L at saturation have smaller symmetry energies at supra-saturation densities, favor larger
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Figura 3. Direct Urca process onset density (left panel) as a function of the symmetry energy slope for the TM1ωρ models and
several values of the Σ potential, UΣ; (middle panel) as a function of the UΣ for several models that predict DUrca in the core of a
NS; (right panel) the onset density of the different hyperonic species as a function of the symmetry energy for different values of
UΣ.
neutron-proton asymmetries and, as a consequence, disfavor the onset of DU at small densities.
In the presence of hyperons, channels for neutrino emission involving the hyperons are also possible [55]. Mo-
reover, the hyperons will also affect the nucleonic electron DU process, because the fraction of electrons is strongly
dependent on the presence of negatively charged hyperons. This is shown by the full lines in Fig. 3, which were calcu-
lated allowing for the appearance of hyperons, each one corresponding to a different Σ potential in symmetric nuclear
matter. The effect is only present for L . 75 MeV: the more repulsive the Σ potential, the larger the onset density of
the nucleonic DU. For an attractive or only slightly repulsive potential the onset of the DU process is smaller than the
corresponding density for a pure nucleonic system. In fact, the Σ− hyperon is the first to set in and, as a consequence,
the proton fraction increases, the difference between the proton and neutron Fermi momenta decreases and the DU
is favored [4]. For a more repulsive Σ potential, the Λ-hyperon sets in first. As soon as it appears neutrons, protons,
electrons and muons all suffer a reduction, and the overall effect is to disfavor the DU process as compared to the pure
nucleonic one.
The most efficient hyperonic DU processes are described by the equations:
Σ
− → Σ0ℓ−ν¯ℓ, R = 0.61 (5)
Ξ
− → Ξ0ℓ−ν¯ℓ, R = 0.22 (6)
Σ
− → Λℓ−ν¯ℓ, R = 0.21 (7)
where the R factor indicates the efficiency of the process compared with the nucleonic DU process (see [55]). Two of
the above processes, (5) and (7), involve a Σ hyperon, and, in particular, the first is three times more efficient than the
other two. Determining if the Σ hyperon is present inside the NS and which is its abundances, is important to describe
the cooling of a NS. Since this hyperon has isospin one, it is expectable that its presence is sensitive to the behavior
of the symmetry energy.
In the right panel of Fig. 3 we plot the onset density of the nucleonic DU process as a function of the Σ potential
for the set of models introduced in Section 1 (the DD models do not predict the nucleonic DU process). For models
with a large L, as NL3, TM1 and FSU2, the onset density of DU, nDU , does not depend on UΣ because this density
lies below the onset density of hyperons. For all the other models the more repulsive UΣ the larger nDU , and, as a
consequence, the larger the mass of the NS where it becomes effective.
We finally comment on the effect of L on the hyperonic species inside the star, see Fig. 4. The Λ hyperon onset
is practically not affected by the value of UΣ, and, although its onset density increases slightly when L decreases,
the mass of star at the Λ-onset is essentially independent of L and equal to 1.3M⊙. The effect of L on the hyperonic
species inside the star can be summarized as follows: a) the onset of the Λ hyperon, which has zero isospin, is almost
not affected by the density dependence of the symmetry energy; b) the contrary is true for the Σ− and Ξ− hyperons
which have a non-zero isospin. For these hyperons their onset density decreases as L decreases. The Σ potential also
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Figura 4. Onset density of the different hyperonic species, Σ (lines with dots), Ξ (lines with open squares), Λ (thin lines), as a
function of the symmetry energy slope L for different values of the Σ potential UΣ (given in MeV). The models TM1 and TM1 ωρ
have been used in the calculation.
influences the onset of the other species: the Ξ− onset only occurs inside the NS if the Σ potential is very repulsive;
the effect is larger for the smaller values of L when the onset density may be small enough to allow hyperons in stars
with masses only slightly larger than 1M⊙.
As an application of the above results, in the following we discuss the effect of the UΣ on the properties of NS
described within the DDME2 model. In the left panels of Fig. 5 we plot in the bottom panel the onset densities of the
Σ
− (yellow), Λ (pink) and Ξ− (green), as well as the central baryonic density of the maximum mass star (black) and
in the top panel the mass of the stars that have in the centre these same densities as a function of the Σ potential. As
discussed before, the onset density for theΛ is insensitive to UΣ. In this model the Σ
− sets in before theΛ for U . +10
MeV, and for U . +30, Ξ− is the last hyperon to set in. In any case, the two solar mass constraint is satisfied and
central densities are of the order of 1 fm−3 or just below. No nucleonic electron DU channel will open inside a NS, but
the hyperonic DU process will be active as soon as the different species appear. In particular, the process described by
Eq. (7) will be quite active above a density of the order of two times saturation density corresponding to a star with a
mass ∼ 1.3M⊙.
In the right panel of Fig. 5, we show how the hyperon presence inside NS affects the cooling of the thermal
state of NSs in Soft X-ray transients (SXT). In this panel we plot the luminosity in quiescence as a function of the
accretion rate together with the observational data taken from [56], for purely nucleonic matter (black curves) and
for different values of the Σ potential (dashed, dotted, and dot-dashed lines). We are interested in understanding the
behavior of the SXT with the lowest-observed luminosity, SAX J1808.4-3658 [57, 58], indicated in red in the right
panel. The upper black curve is obtained with the nucleonic EoS for the maximum mass star configuration. No DU
process occurs and, therefore, it defines the lowest possible neutrino losses and the largest luminosity. The lower
bounds were obtained with the hyperonic EoS, taking UΣ = −10,+10,+30 MeV and considering the maximum
mass configuration. These conditions define the largest neutrino emissions obtained through DU processes and, as a
consequence, the lowest luminosity. Both results including a full accreted atmosphere or non-accreted one are shown.
The low luminosity of the SAX J1808.4-3658 requires a very efficient neutrino emission processes operating in the
core of the NS. A previous explanation for this low luminosity state required a quite hard EoS and a set of couplings of
the hyperons to the mesons that favored the appearance of the complete baryonic octet in the NS core [59]. In contrast
the present calculation explains the same state not requiring the nucleonic DU process, and not allowing for all the
hyperon species, in particular, excluding the very efficient process described by Eq. (5), if no or only a small amount
of accreted matter is in the envelope. Further investigation into this problem will be undertaken in the future.
Figura 5. Left panels: onset densities of the different hyperons and NS central baryonic density of maximum mass star (bottom),
mass of the NS with these densities at the center. Right panel: the luminosity of NSs in SXTs obtained for the maximum mass and
with the nucleonic EoS (black curve) and several hyperonic EoS (colored lines) versus the observational data taken from [56]. The
star indicated in red is the SAX J1808.4-3658 and has the lowest observed luminosity. Adapted from [4].
Symmetry energy and the crust-core transition of magnetized stars
In this section, we show how the crust-core transition in a NS is strongly affected by the magnetic field, and how the
magnitude of this effect depends on the symmetry energy. For a zero magnetic field, it was shown that there is an
anti-correlation between the transition density and the slope of the symmetry energy [60, 61, 62, 63, 64]. Since the
magnetic field effects are sensitive to the amount of protons, we expect that the influence of the density dependence
of the symmetry energy will reflect itself on the properties of the neutron star, specially in the range of small proton
densities. Large proton densities require more intense magnetic fields to give rise to non-negligible effects. Inside a
magnetar it is probable that the field intensity will be below 1018G.
The crust-core transition is estimated from the calculation of the dynamical spinodal obtained within the relati-
vistic Vlasov equation formalism applied to relativistic nuclear models [65]. It was shown that this method gives a
good prediction of the crust core-transition in the absence of a magnetic field [66]. From the analysis of the dynamical
spinodal, we conclude that the crust-core transition does not occur at a single density, but extends itself into a finite
width range of densities [5]. Fig. 6 illustrates why this occurs. In this figure the dynamical spinodal section of nuclear
matter at B = 0 (black curve) and for B = 4.4 × 1017 G (red curve) are shown in the ρn − ρp plane. A complex
structure of bands of unstable matter with large isospin asymmetry are present due to the filling of the Landau levels.
In the same figure, we also plot the EoS of β-equilibrium stellar matter at zero temperature, and it is clearly seen that
it crosses the spinodal section several times. If we associate the range of densities where these crossings occur to the
transition region, we conclude that this region is formed by a series of alternating stable and unstable regions [5, 6].
In the right panel of Fig. 6, we plot the densities at the bottom and the top of the transition region (red lines
in the top panel) and the radius of the corresponding neutron star layers as a function of the slope of the symmetry
energy. We have considered a set of models based on the NL3 parametrization with an extra non-linear ωρ term that
introduces a density dependence on the symmetry energy [41]. The conversion of the density range into a neutron star
layer was performed in an approximate way, by integrating the TOV equations for non-magnetized stars. In the future
this approximation will be lifted. In the figures the solid black line corresponds to the results obtained taking B = 0.
We conclude that the density and the radius of the bottom layer of the transition density is not much affected by the
magnetic field, and the anti-correlation between the transition density and the symmetry energy slope is observed. The
top layer of the transition density, only occurs for a non-zero magnetic field and its density and radius increases quite
fast with the slope of the symmetry energy. For L ∼ 90 MeV the transition region as a thickness of 0.06 fm−3 and
more than 1 km, reducing to 0.03 fm−3 and 400 m if L = 60 MeV.
The increase of the crust thickness and of the complexity of the crust core transition region may have important
consequences on the properties of neutrons stars, in particular, on the decay of the magnetic field, as discussed in [31]
or on the glitch mechanism [29, 30].
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Figura 6. Left panel: the dynamical spinodal for nuclear matter obtained with B = 0 (black thick line) and B = 4.4 × 1017G (red
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4.4 × 1015)G is shown (blue stars).
Conclusions
In the present review, we have shown how neutron star propertiesmay set constraints on the EoS of asymmetric nuclear
matter at both sub-saturation and high densities. We have analysed three different problems: the correlation between
the NS properties, radius, tidal deformability and Love number, and several EoS parameters or linear combinations of
parameters; the effect of the symmetry energy on the hyperonic content of neutron stars and on the DU process inside
these stars; and the effect on the crust-core transition of magnetized neutron matter.
We could show that although the single parameters are generally, at most moderately correlated with those NS
properties, some well chosen combinations of parameters are very well correlated. This linear combination together
with other constraints either experimental or observational have allowed to set constraints on quantities as the slope
of the incompressibility, M0 and the curvature of the symmetry energy, Ksym [47, 17].
Concerning hyperonic stars, we have shown how the symmetry energy affects the nucleonic and the hypero-
nic direct Urca process. We have considered whenever possible constrained hyperon-meson couplings within a RMF
framework [33]. Due to the lack of data on Σ-hypernuclei, we have also analysed how the hyperonic star properties
depend on the Σ-potential. We have discussed the possibility of explaining the SXT with the lowest observed lumi-
nosity, SAX J1808, as an hyperonic star described by the DDME2 EoS [4], a RMF model with density dependent
couplings 5.
A third problem addressed was the dependence of the crust-core transition in strongly magnetized matter on
the density dependence of the symmetry energy [5, 6, 28]. The discussion was performed by applying the dynamic
spinodal formalism. In the future, pasta calculations including the magnetic field effects need to be performed.
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